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ABSTRACT
We present a comprehensive abundance analysis of two newly-discovered carbon-enhanced metal-
poor (CEMP) stars. HE 2138−3336 is a s-process-rich star with [Fe/H] = −2.79, and has the highest
[Pb/Fe] abundance ratio measured thus far, if NLTE corrections are included ([Pb/Fe] = +3.84).
HE 2258−6358, with [Fe/H] = −2.67, exhibits enrichments in both s- and r-process elements.
These stars were selected from a sample of candidate metal-poor stars from the Hamburg/ESO
objective-prism survey, and followed up with medium-resolution (R ∼ 2, 000) spectroscopy with GEM-
INI/GMOS. We report here on derived abundances (or limits) for a total of 34 elements in each star,
based on high-resolution (R ∼ 30, 000) spectroscopy obtained with Magellan-Clay/MIKE. Our re-
sults are compared to predictions from new theoretical AGB nucleosynthesis models of 1.3 M⊙ with
[Fe/H] = −2.5 and −2.8, as well as to a set of AGB models of 1.0 to 6.0 M⊙ at [Fe/H] = −2.3. The
agreement with the model predictions suggests that the neutron-capture material in HE 2138−3336
originated from mass transfer from a binary companion star that previously went through the AGB
phase, whereas for HE 2258−6358, an additional process has to be taken into account to explain
its abundance pattern. We find that a narrow range of progenitor masses (1.0≤ M(M⊙)≤1.3) and
metallicities (−2.8 ≤ [Fe/H] ≤ −2.5) yield the best agreement with our observed elemental abundance
patterns.
Subject headings: Galaxy: halo—methods: spectroscopy—stars: abundances—stars: atmospheres—
stars: Population II
1. INTRODUCTION
Chemical abundances for very metal-poor (VMP;
[Fe/H < −2.0) stars provide the basis for the study of
the characteristic nucleosynthetic signatures of the first
few stellar generations. While the origin of the lighter
1 Based on observations gathered with the 6.5 meter Magellan
Telescopes located at Las Campanas Observatory, Chile.
elements up to and including the iron-peak elements are
reasonably well-modeled in terms of core-collapse super-
novae (SN) nucleosynthesis (e.g., Woosley & Weaver
1995; Nomoto et al. 2006), the production of neutron-
capture elements is more complex, and likely occurs in
a range of different astrophysical sites (see e.g., Sneden
et al. 2008, and references therein).
The slow neutron-capture process (s-process; Bur-
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bidge et al. 1957) has been confirmed theoretically
and observationally to occur in thermally-pulsing (TP)
asymptotic giant-branch stars (AGB; e.g., Smith et al.
1987; Smith & Lambert 1990; Busso et al. 2001; Abia
et al. 2002). AGB nucleosynthesis predictions are subject
to many important uncertainties, including the treat-
ment of convection, which determines the level of chem-
ical enrichment due to the mixing of nuclear-processed
material from the core to the envelope, as well as mass
loss, which determines the AGB lifetime. The opera-
tion of the s-process in AGB stars also depends on the
formation of a 13C “pocket” for efficient activation of
the 13C(α,n)16O neutron-producing reaction (e.g., Busso
et al. 1999). The formation, shape, and the extent in
mass of the helium intershell region of such 13C pock-
ets is unknown, and highly uncertain (see discussions in
Cristallo et al. 2009; Bisterzo et al. 2010; Lugaro et al.
2012). As a result, accurate elemental-abundance obser-
vations provide the best constraint on the stellar mod-
els, enabling stringent tests of the nucleosynthesis pre-
dictions. Massive stars also produce some s-process ele-
ments, with the most recent models suggesting that their
contribution is especially important at the lowest metal-
licities (e.g., Pignatari et al. 2010; Frischknecht et al.
2012).
While the s-process presents a well-established frame-
work, the rapid neutron-capture process (r-process) has
proven more challenging in terms of experimental deter-
minations, due to the difficulty in observing the proper-
ties of the isotopes involved in this process. The r-process
requires large neutron number densities to occur, and
this condition argues for explosive environments, such
as supernova explosion, or neutron star and black hole
mergers, accretion-induced collapse models, among oth-
ers (see Sneden et al. 2008, and references therein). How-
ever, even with clear observational evidence of the oper-
ation of the r-process in metal-poor stars (Sneden et al.
2003; Barklem et al. 2005, among others), these mod-
els are not yet successful in reproducing the abundance
distribution of r-process elements found in stellar atmo-
spheres.
VMP stars with clear enrichments of carbon ([C/Fe]≥
+1.0; Beers & Christlieb 2005; Aoki et al. 2008) are of
particular interest in this regard. Most of these carbon-
enhanced metal-poor (CEMP) stars (80% according to
Aoki et al. 2007) exhibit the presence of heavy elements
produced by the s-process (CEMP-s stars; Beers &
Christlieb 2005). Qualitatively, the origin of CEMP-
s stars is consistent with the hypothesis that the car-
bon and s-process elements are due to nucleosynthe-
sis processes that took place during the AGB stage of
evolution. In most cases, enrichment took place in a
wide binary system where the progenitor AGB star has
long ago evolved to become a white dwarf (Stancliffe &
Glebbeek 2008), although there is at least one case where
the CEMP star is possibly now in the TP-AGB phase
(Masseron et al. 2006).
There also exist a handful of CEMP stars known with
enrichments in r-process elements, as well as many that
exhibit both s- and r-process element enhancements.
The possible origins of the abundance patterns of the
latter class (CEMP-r/s) are currently a source of debate
in the literature, since they cannot be explained by con-
ventional s-process production in AGB star models. Jon-
sell et al. (2006) suggest a number of possible scenarios
for the occurance of the CEMP-r/s stars, including a
r-process pre-enriched (from pollution by Type II super-
novae) molecular cloud from which the binary system was
formed (this scenario is also suggested by Bisterzo et al.
2009). However, more statistics on these objects must be
gathered in order to see whether all the CEMP-r/s can
be explained by the same formation scenario.
In this work we present an elemental-abundance anal-
ysis of two newly-discovered CEMP stars, and compare
their observed patterns with yields from stellar evolu-
tion models (e.g., those presented here and by Lugaro
et al. 2012). This comparison is important to understand
the operation of the s-process at low metallicity, and to
further constrain the onset of s-process nucleosynthesis
in the Galaxy, as well as different stellar and Galactic
chemical-evolution scenarios (e.g., Hirschi 2007).
This paper is outlined as follows. Section 2 de-
scribes details of the target selection, as well as the
medium- and high-resolution spectroscopic observations.
The determination of stellar parameters from the high-
resolution spectroscopy, and a comparison with the
medium-resolution values, are presented in Section 3, fol-
lowed by the detailed abundance analysis described in
Section 4. A discussion of the elemental-abundance pat-
terns of these stars, and comparisons with model predic-
tions based on s-process nucleosynthesis, are presented
in Section 5. Our conclusions and perspectives for future
work are given in Section 6.
2. TARGET SELECTION AND OBSERVATIONS
The target selection and observations were carried out
in three main steps. First, visual inspection of low-
resolution (R ∼ 300) spectra from the Hamburg/ESO
Survey (HES; Christlieb 2003) for a carefully-selected
set of CEMP candidate stars was carried out, in order to
eliminate objects with spectral flaws or other peculiari-
ties. Secondly, follow-up medium-resolution (R ∼ 2, 000)
spectroscopy with the Gemini-S telescope was obtained
(in queue mode, during poor observing conditions), en-
abling estimates of the stellar parameters and carbon
abundances. Finally, the most promising targets, i.e.,
the most metal-poor stars, were observed at high spec-
tral resolution (R ∼ 30, 000) with the Magellan-Clay tele-
scope, in order to determine the chemical abundances for
many elements, and to establish their detailed abundance
patterns. Details of each step are provided below.
Although the HES was initially designed for discover-
ing faint extragalactic quasars (Reimers 1990; Wisotzki
et al. 2000), the HES spectra (resolution of 15 A˚, at
Ca iiK, and wavelength coverage of 3200-5300A˚) have
been used for searching for different types of objects,
in particular large numbers of metal-poor stars in the
Galaxy. The discoveries from the HES stellar database
include the two most iron-poor stars found to date:
HE 0107−5240 ([Fe/H]=−5.2, Christlieb et al. 2002),
and HE 1327−2326, ([Fe/H]=−5.4, Frebel et al. 2005;
Aoki et al. 2006). A number of other searches have
been carried out, aiming to find, e.g., carbon-rich stars of
all metallicities (Christlieb et al. 2001), field horizontal-
branch stars (Christlieb et al. 2005), and bright metal-
poor stars (Frebel et al. 2006a).
The CEMP star candidates presented in this work
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were selected on the basis of their strong molecular CH
G-bands compared to their colors. The strength of this
molecular feature is correlated with the carbon abun-
dance, and is measured by the GPE and EGP line in-
dices defined by Placco et al. (2010, 2011). Based on the
location of a given star in a GPE vs. EGP diagram, it
is possible to infer the level of its carbon enhancement,
regardless of its metallicity. Once CEMP candidates are
selected, medium-resolution spectroscopy is carried out
for improved carbon-abundance determinations.
2.1. Medium-Resolution Spectroscopy
The stars employed in this work are part of the CEMP
candidate list generated by Placco et al. (2011). Follow-
up medium-resolution spectroscopic observations were
carried out in semester 2011B using the Gemini Multi-
Object Spectrograph (GMOS), at the Gemini-S tele-
scope. The setup included the 600 l mm−1 grating in the
blue setting (G5323) and the 1.′′0 slit, covering the wave-
length range of 3300-5500A˚. This combination yielded a
resolving power of R∼ 2, 000, with an average S/N ∼ 40
at 4300 A˚. The calibration frames included HgAr and Cu
arc lamp exposures (taken following each science obser-
vation), bias frames, and quartz flats. All tasks related
to spectral reduction and calibration were performed us-
ing standard GEMINI/IRAF packages. Table 1 presents
details of the medium-resolution observations for each
star.
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Fig. 1.— Comparison between the low-resolution HES spectra
(left panels) and GEMINI medium-resolution spectra (right pan-
els). The green and red bands show, respectively, the line band
and side band of the EGP index, defined by Placco et al. (2011).
Figure 1 shows a comparison between the low-
resolution HES and the medium-resolution GMOS spec-
tra of our stars. Even at low resolution, the CH G-band
is clearly seen, and its strength is captured by the EGP
index. In addition, these stars exhibit a weak Ca ii K
line, indicating low metallicity. The medium-resolution
GMOS spectra are of sufficient quality to determine es-
timates of the stellar parameters for the observed stars
(see Section 3.1 for further details), and to determine the
metallicity and carbon abundance ratio.
2.2. High-Resolution Spectroscopy
The final observational step was to obtain high-
resolution spectroscopy of the most promising targets
based on the results of the medium-resolution spectral
analysis. These data were gathered using the MIKE in-
strument (Bernstein et al. 2003) on the Magellan-Clay
Telescope at Las Campanas Observatory. We used the
0.′′7 slit with 2×2 on-chip binning, yielding a nominal re-
solving power of R ∼ 35, 000 in the blue and ∼ 28, 000
in the red region, with an average S/N ∼ 85 at 5200 A˚.
MIKE spectra have nearly full optical wavelength cover-
age from ∼3500-9000A˚. Table 1 lists the details of the
high-resolution observations for each star. These data
were reduced using a data reduction pipeline developed
for MIKE2 spectra.
3. STELLAR PARAMETERS
The stellar parameters (Teff , log g , [Fe/H]) were es-
timated first from the medium-resolution spectra, using
the procedures described below. These values were used
as first estimates for the determinations based on the
high-resolution spectra.
3.1. Stellar Parameters from Medium-Resolution
Spectra
Stellar parameters were determined using the n-SSPP,
a modified version of the SEGUE Stellar Parameter
Pipeline (SSPP; see Lee et al. 2008a,b; Allende Prieto
et al. 2008; Lee et al. 2011; Smolinski et al. 2011, for
a detailed description of the procedures used). The n-
SSPP is a collection of routines for the analysis of non-
SDSS/SEGUE data that employs both spectroscopic and
photometric (B0, (B − V )0, (U −B)0, J0 and (J −K)0)
information as inputs, to make a series of estimates for
each stellar parameter. Then, using χ2 minimization in
dense grids of synthetic spectra, and averaging with other
techniques as available, the best set of values is adopted.
The internal errors for the stellar parameters are: 125 K
for Teff , 0.25 dex for log g , and 0.20 dex for [Fe/H]. Ex-
ternal errors are of a similar size.
3.2. Stellar Parameters from MIKE Spectra
The determination of stellar physical parameters from
high-resolution spectroscopy relies on the behavior of the
abundances of individual absorption lines as a function
of: (i) the excitation potential, χ, of the lines from which
the abundances are derived (effective temperature); (ii)
the balance between two ionization stages of the same
element (surface gravity) and; (iii) the reduced equiva-
lent width of the lines measured (microturbulent veloc-
ity). The adopted parameters are the ones that minimize
the trend between the line abundances, derived from the
equivalent width of the atomic Fe I absorption lines, and
the quantities (i), (ii), and (iii). Generally, elemental
abundances are obtained by analysis of both equivalent
widths and spectral synthesis. Equivalent widths are ob-
tained by fitting Gaussian profiles to the observed atomic
lines. For this purpose, we used a line list based on the
compilation of Roederer et al. (2010b), as well as data
retrieved from the VALD database (Kupka et al. 1999).
Table 3 shows the lines used in this work, with their
measured equivalent widths and abundances.
As seen in Figure 2 (left panels), over the range in χ
from 0.0 to ∼ 4.5 eV, the adopted temperatures (Teff =
5850 K for HE 2138−3336 and Teff = 4900 K for
2 http://code.obs.carnegiescience.edu/python.
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Fig. 2.— Fe I abundances as a function of the excitation poten-
tial (left panels), and the reduced equivalent width (right panels).
The solid lines mark the average abundance and the dashed lines
represent linear functions fitted to the data. No clear trends exist,
indicating well-determined estimates of the effective temperature,
Teff , and microtubulent velocity, ξ.
HE 2258−6358) do not present any significant trend of
Fe I abundances. Likewise, the right panels of Figure 2
show no trends on the behavior of the derived Fe I abun-
dances as a function of the reduced equivalent width,
indicating appropriate values for the microturbulent ve-
locity. The same applies for estimates of log g , since the
average values of Fe I and Fe II agree within to within
0.02dex for both of our stars.
The final stellar parameters, from both medium- and
high-resolution analysis, are summarized in Table 2. The
uncertainties for the medium-resolution parameters were
taken from the n-SSPP, and the uncertainties for the
high-resolution determinations are discussed in detail in
Section 4.6. It is worth noting the good agreement be-
tween the [Fe/H] and Teff values for the medium- and
high-resolution spectra. Differences in the log g values
arise mainly due to the difficulty of making this esti-
mate from the medium-resolution spectra, in particular
in the presence of strong carbon features. The derived ef-
fective temperatures and surface gravities from the high-
resolution analysis are shown in Figure 3, compared with
12 Gyr Yale-Yonsei Isochrones (Demarque et al. 2004) for
[Fe/H]=−3.0, −2.5, and −2.0.
4. ABUNDANCE ANALYSIS
Abundances for individual lines, derived from equiv-
alent widths as well as from spectral synthesis of some
features, are shown in Table 3. Line abundances obtained
through spectral synthesis are marked with syn on the
equivalent width column. Our chemical abundances (or
upper limits) for 34 elements, derived from the MIKE
spectra, are presented in Table 4. A description of our
abundance analysis is given below.
4.1. Techniques
Our abundance analysis utilizes one-dimensional
plane-parallel Kurucz model atmospheres with no over-
shooting (Castelli & Kurucz 2004). They are computed
under the assumption of local thermodynamic equilib-
rium (LTE). We use the 2011 version of the MOOG syn-
thesis code (Sneden 1973) for this analysis. Scattering
in this MOOG version is treated with the implementa-
tion of a source function that sums both absorption and
scattering components, rather than treating continuous
0.5
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Fig. 3.— The program stars shown in an H-R-Diagram, based on
the stellar parameters determined from the high-resolution spectra
(see Table 2). Overplotted are the Yale-Yonsei isochrones (Demar-
que et al. 2004), for ages of 12 Gyr and three different values of
[Fe/H].
scattering as true absorption (see Sobeck et al. 2011, for
further details).
Our final abundance ratios, [X/Fe], are given with re-
spect to the solar abundances of Asplund et al. (2009).
Upper limits for elements for which no absorption lines
were detected provide additional information for the in-
terpretation of the overall abundance pattern of the stars.
Based on the S/N ratio in the spectral region of the line,
and employing the formula given in Frebel et al. (2006b),
we derive 3σ upper limits for a few elements. All our
abundances have been derived with LTE models, and
where appropriate non-LTE corrections were applied A
summary of the elemental abundances for our targets is
given in Table 4.
4.2. Carbon, Nitrogen, and Oxygen
Carbon abundances were derived from both CH
(λ4228 A˚, λ4230 A˚, and λ4250 A˚) and C2 (λ4737 A˚,
λ5165 A˚, and λ5635 A˚) molecular features. Figure 4
shows the C2 band and the Mg I triplet for both
targets, compared with the spectrum of HD 140283
([Fe/H]=−2.2, Teff =5725 K; Sobeck et al. 2007). In
carbon-rich stars, continuum placement is a large source
of uncertainty, since the many strong carbon features
compromise its accurate determination. Figure 5 shows
two of the features used for the carbon-abundance deter-
minations for HE 2138−3336 and HE 2258−6358. CH
A − X band features are detected between 4240 A˚ and
4330 A˚ in HE 2138−3336, but were saturated for the
cooler HE 2258−6358. As seen in Table 3, abundances
derived from CH and C2 features are in good agreement
for both stars, with average values of [C/Fe]=+2.43 for
HE 2138−3336 and [C/Fe]=+2.42 for HE 2258−6358.
Nitrogen abundances were determined from spectral
synthesis of the CN band at λ3883 A˚. For this purpose
we used a fixed carbon abundance, based on the aver-
age of the individual abundances determined. Figure 6
shows the spectral synthesis for this region for both tar-
gets. In the case of HE 2138−3336, the observed spectra
agrees well with the synthetic spectra within 0.2 dex.
For HE 2258−6358, the band head appears to be satu-
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Fig. 4.— Examples of the spectral region around the C2 molec-
ular band at 5165 A˚ in our stars, compared with HD 140283. Also
shown is the Mg I triplet.
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Fig. 5.— Example of a CH band used for carbon-abundance
determination for HE 2138−3336 (upper panel), and a C2 band
for HE 2258−6358. The dots represent the observed spectra, the
solid line is the best abundance fit, and the dotted and dashed line
are the lower and upper abundance limits, used to estimate the
uncertainty.
rated. Even so, it is possible to obtain an estimate of the
nitrogen abundance to within 0.4 dex.
The 12C/13C isotopic ratio is a sensitive indicator of
the extent of mixing processes in cool red-giant stars.
The comparison between the observed and synthetic
spectra used for the determination of the 12C/13C iso-
topic ratio is shown in Figure 7. Using a fixed elemental
carbon abundance, derived from the molecular features
mentioned above, spectra employing three different val-
ues of 12C/13C = 19, 10, and 4 were compared to CH
features around 4200 A˚.
We find that a ratio of about 10 agrees well with
the observed spectra for both HE 2138−3336 and
HE 2258−6358. This ratio is consistent with other metal-
poor CEMP stars (Sivarani et al. 2006) but is difficult to
explain with current stellar evolutionary models, which
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Fig. 6.— Spectral synthesis of the CN band for nitrogen abun-
dance determination. The dots represent the observed spectra, the
solid line is the best abundance fit, and the dotted and dashed line
are the lower and upper abundance limits, used to estimate the
uncertainty.
predict much higher ratios for 12C/13C (e.g., see yields in
Karakas 2010a; Lugaro et al. 2012). The low 12C/13C ra-
tios suggest substantial processing of 12C into 13C, where
12C is accreted from the donor AGB star and is the dom-
inant isotope produced in the He-burning shells of the
AGB stars. The mechanism for the processing in the
donor star is unknown, although rotational mixing (La-
garde et al. 2012) and/or thermohaline mixing (Eggleton
et al. 2008; Charbonnel & Zahn 2007; Stancliffe 2009,
2010), gravity waves (Denissenkov & Tout 2000), and
magnetic fields (Nordhaus et al. 2008; Busso et al. 2007;
Palmerini et al. 2009) have been proposed as potential
candidates.
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Fig. 7.— Determination of the carbon isotopic ratio 12C/13C
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Figure 8 shows the distribution of the carbon and ni-
trogen (upper panels) and oxygen (lower panels) abun-
dances for our stars, compared with literature data
collected by Frebel (2010). The oxygen abundance
6 Placco et al.
for HE 2258−6358 was determined from the equiv-
alent width of the λ6300 A˚) forbidden line. For
HE 2138−3336 , no usable oxygen lines were detected.
The carbon and nitrogen abundances in Figure 8 are in
agreement with other stars in the CEMP regime, and
the oxygen abundance for HE 2258−6358 is also among
typical values for CEMP stars in the literature. Interest-
ingly, when comparing the behavior of the [C/O] ratio as
a function of the carbon abundance for CEMP stars with
[Ba/Fe] ≥ 0.0 (CEMP-s) and [Ba/Fe] < 0.0 (CEMP-no),
one finds that all stars with [C/O] > 0.0 are classified as
CEMP-s.
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Fig. 8.— Carbon abundances, as a function of the metallicity
(upper panel), for the observed targets, shown as open and filled
stars, and for literature determinations. The lower panels show
[O/Fe] vs. [Fe/H] and [C/O] vs. [C/Fe] for HE 2258−6358. Filled
squares are data collected by Frebel (2010) ([Fe/H]< −2.3), filled
circles represent stars from the same database with [C/Fe]> +1.0,
and blue crosses show stars with [Ba/Fe] > +1.0.
4.3. From Na to Zn
Abundances for Na, Mg, Al, Si, Ca, Sc, Ti, Cr, Mn,
Co, and Ni were determined from equivalent width anal-
ysis for both stars, with the exception of Al and Si for
HE 2258−6358. For Zn, only upper limits could be de-
termined. Figure 9 shows the distribution of the light- el-
ement abundances as a function of metallicity, compared
to literature data (Frebel 2010). There is no significant
difference in the behavior of the stars from this work and
other CEMP stars in this metallicity range (filled gray
circles). This is expected, assuming the gas which gave
birth to the stars was preferentially enriched by massive
SNII (Woosley & Weaver 1995), in addition to the latter
pollution by AGB companions.
4.4. Neutron-Capture Elements
The chemical abundances for the neutron-capture ele-
ments were determined via spectral synthesis. Figure 10
shows the spectra of our two stars around the λ4554 A˚
Ba line, in comparison with HD 140283. The synthesis
of neutron-capture absorption lines in the blue spectral
region, particularly those close to molecular carbon fea-
tures, were often hampered by the strong CH or CN fea-
tures, and had to be excluded from the analysis. The
results of the abundance determinations for individual
elements and comments on specific features are given be-
low.
Strontium, Yttrium, Zirconium— These three elements
belong to the first peak of the s-process. Their abun-
dances are mostly determined from absorption lines in
blue spectral regions, which are affected by the presence
of carbon features. The Sr λ4077 A˚ and λ4215 A˚ lines
were saturated in the spectrum of HE 2258−6358, so the
abundance was determined from the λ4607 A˚ line. Three
Y lines were found at λ > 4800 A˚ for HE 2258−6358,
but were not detectable for HE 2138−3336, which had
its Y abundance derived from the λ3774 A˚ line. Only
one Zr line (λ4050 A˚ for HE 2258−6358 and λ4208 A˚
for HE 2138−3336) could be synthesized for each star.
Other Zr features were either too weak or embedded in
carbon molecular bands. The final [X/Fe] ratios for Sr,
Y, and Zr are slightly overabundant (> +0.3) in both
stars, with respect to the solar values.
Barium, Lanthanum— These elements are representative
of the second peak of the s-process. Ba is strongly over-
abundant in both stars. Figure 11 shows the spectral
synthesis for the λ6496 A˚ line. Besides the λ4554 A˚ and
λ4934 A˚ features (saturated for HE 2258−6358), addi-
tional abundances were calculated using the λ5853 A˚ and
λ6141 A˚lines. Final abundances are [Ba/Fe]= +1.91 for
HE 2138−3336 and [Ba/Fe]= +2.23 for HE 2258−6358.
Lanthanum is also overabundant in both stars; [La/Fe]=
+1.60 for HE 2138−3336 and [La/Fe]= +1.91 for
HE 2258−6358. There are a number of lines ranging
from 4000-6000A˚ suitable for spectral synthesis. Three
lines (λ3995 A˚, λ4086 A˚, and λ4123 A˚) were fitted with
the same abundances for HE 2138−3336. Five other fea-
tures were synthesized for HE 2258−6358, and the values
determined from these lines agree within 0.1 dex.
Cerium, Praseodymium, Neodymium, Samarium— With
the exception of Pr for HE 2138−3336, atomic lines for
these species were found in the high-resolution spectra.
Cerium and Sm abundances were determined from lines
with λ < 4600 A˚. Even with many lines available for
synthesis, most were weak and blended with carbon fea-
tures. Only two Nd features could be synthesized for
HE 2138−3336, while 9 suitable lines were found for
HE 2258−6358. Figure 12 shows, on the right panels,
the spectral synthesis for the λ4061 A˚ Nd line.
Europium— Eu is a well known indicator of r-process
nucleosynthesis, and its abundance helps distinguish the
r-only, r/s and s-only abundance regimes for CEMP
stars. There are three lines (λ3724 A˚, λ3907 A˚ and
λ6645 A˚) with abundances in reasonable agreement for
HE 2258−6358 (average [Eu/Fe]= +1.68). In the case of
HE 2138−3336, only an upper limit could be determined
([Eu/Fe]< +1.09), based on the λ4129 A˚ and λ4205 A˚
features.
Gadolinium, Terbium, Dysprosium, Erbium— Abundances
for these lanthanoids could only be determined for
HE 2258−6358, and all features used have λ < 4200 A˚.
One Tb feature was found at λ3702 A˚, while at least two
were found for Gd, Dy and Er, with the individual line
abundances agreeing within 0.2 dex.
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Fig. 9.— Abundance ratios, [X/Fe], as a function of metallicity, for selected elements from Na to Zn. Filled squares are data collected
by Frebel (2010) ([Fe/H]< −2.3), and filled circles represent stars from the same database with [C/Fe]> +1.0.
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Fig. 10.— Examples of the spectral region around the Ba λ4554
A˚ line, compared with HD 140283.
Thulium, Ytterbium, Hafnium, Osmium— This set of el-
ements has many suitable features for spectral syn-
thesis at λ < 4200 A˚. No Yb lines were found for
HE 2258−6358, while one feature at λ3694 A˚ was found
for HE 2138−3336. Figure 12 shows the spectral synthe-
sis for the λ3918 A˚ Hf line (left panels).
Lead— This third-peak element is expected to be largely
produced by the s-process (Travaglio et al. 2001). Abun-
dances were determined using two features, λ3683 A˚ and
λ4057 A˚. For each star, these two lines yielded the same
abundances values ([Pb/Fe] = +3.54 for HE 2138−3336
and [Pb/Fe] = +2.82 for HE 2258−6358). Figure 12
shows the spectral synthesis for the λ4057 A˚ line (middle
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Fig. 11.— Spectral synthesis for the λ6496 A˚ Ba line for
HE 2138−3336 and HE 2258−6358. The dots represent the ob-
served spectra, the solid line is the best abundance fit, and the
dotted and dashed line are the lower and upper abundance limits,
used to estimate the uncertainty.
panel). If the Pb abundance is determined from its neu-
tral species (there are only neutral species available in
the spectrum), than the abundance is strongly affected
by non-local thermodynamic equilibrium (NLTE) effects.
Hence, we adopt positive corrections for Pb abundances
of 0.3 dex for HE 2138−3336 ([Pb/Fe] = +3.84) and
0.5 dex for HE 2258−6358 ([Pb/Fe] = +3.32), following
Mashonkina et al. (2012). We also searched for possible
NLTE corrections for other neutron-capture elements,
such as Sr, Ba (Andrievsky et al. 2011; Bergemann et al.
2012) and Eu (Mashonkina et al. 2012). However, these
measurements are based on ionized species (e.g. Sr II,
Ba II, Eu II). In those cases, NLTE effects are expected
to be much smaller than the effects found for neutral
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species. Indeed, in all cases, the corrections did not
exceed the quoted uncertainties (0.07-0.15 dex) of the
abundances, so no corrections were applied.
4.5. Comparisons with Other Very Metal-Poor Stars
Figure 13 shows the distribution of the abundances of
selected neutron-capture elements for our program stars
as a function of the metallicity, and compared to the liter-
ature data. Upper limits on abundances were excluded,
and the stars with [C/Fe]> +1.0 are marked as filled
circles. No significant differences are found between the
abundances of our targets and the values from literature
CEMP-s stars, for the elements of the first s-process peak
(Sr, Y, and Zr), as well as between the second s-process
(Ba and La) and r-process (Eu) peaks and literature val-
ues.
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Fig. 13.— Abundance ratios, [X/Fe], as a function of metallicity,
for selected neutron-capture elements. Filled squares are data col-
lected by Frebel (2010) ([Fe/H]< −2.3), and filled circles represent
stars from the same database with [C/Fe]> +1.0.
The differences in the behavior of the abundances of el-
ements formed by the s-process and r-process are useful
to place constraints on possible formation scenarios for
CEMP stars. Figure 14 presents a [Ba/Fe] vs. [Eu/Fe]
diagram for the stars with [Fe/H]< − 2.3 from the litera-
ture. Both targets from this work lie in the same location
as other CEMP stars (filled circles). HE 2258−6358 is
close to the limit set for the r/s regime, while the Eu
upper limit for HE 2138−3336 places it in the s-only
regime. More details are provided in Section 5.2.
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Fig. 14.— [Eu/Fe] vs. [Ba/Fe] for the observed targets, com-
pared with other neutron-capture-element enhanced stars. The
solid lines represent the limits for the CEMP classes defined by
Beers & Christlieb (2005), and the dashed lines represent the solar
s-process and r-process predictions for the [Ba/Eu] ratio, based
on the fractions of Burris et al. (2000). Filled squares are data
collected by Frebel (2010) ([Fe/H]< −2.3), filled circles represent
stars from the same database with [C/Fe]> +1.0, and filled trian-
gles are data from the CEMP stars listed in Table 6 (See Section
5.2 for more details).
At low metallicity, the s-process produces large
amounts of Pb, and high [Pb/Fe] or [Pb/Eu] ratios are
observational signatures of the s-process operating in
metal-poor stars. Based on models of s-process nucle-
osynthesis in intermediate-mass stars on the AGB, the
minimum s-process ratios predicted ([Pb/Eu] = +0.3)
can be used to set a lower limit on the operation of the
s-process (Roederer et al. 2010a).
Figure 15 shows the [Pb/Fe] (left panel) and [Pb/Eu]
(right panel) ratios of our targets as a function of metal-
licity. Also shown are the NLTE corrections explained
above. The lead abundances are within the range pre-
sented by other CEMP-s stars. Notably, the value for
HE 2138−3336 ([Pb/Fe]= +3.54; +3.84 with NLTE
correction) is the highest found to date in metal-poor
stars. Also, the [Pb/Eu] ratio for both targets ([Pb/Eu]
= +2.45 for HE 2138−3336 and [Pb/Eu] = +1.14 for
HE 2258−6358) are consistent with the limit set by Roed-
erer et al. (2010a), which indicates that the Pb abun-
dances for these stars come from the s-process nucle-
osynthesis that occured in their AGB companions.
4.6. Uncertainties
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Fig. 15.— [Pb/Fe] abundance (left panel) and [Pb/Eu] ratio
(right panel) for the observed tagets. Filled squares are data
from Cowan et al. (2002); Hill et al. (2002); Sneden et al. (2003);
Masseron et al. (2006); Ivans et al. (2006), and filled circles rep-
resent stars with [C/Fe]> +1.0 from Aoki et al. (2002); Lucatello
et al. (2003); Ivans et al. (2005); Barbuy et al. (2005); Cohen et al.
(2006); Jonsell et al. (2006); Aoki et al. (2008). Dashed horizontal
lines represent limits set by Roederer et al. (2010a).
To determine the random uncertainties in our abun-
dance estimates, we calculate the standard error of the
individual line abundances for each ionization state of
each element measured. For any abundance determined
from equivalent-width measurements for less than 10
lines, we determined an appropriate small-sample adjust-
ment for the standard error (Keeping 1962). In the case
of any abundance uncertainty that was calculated to be
less than the uncertainty in the Fe I lines, we adopted
the value from Fe I for that particular element. Typi-
cally, the Fe I standard error is ∼ 0.05 dex.
For those lines with abundances determined via spec-
tral synthesis, continuum placement is the greatest
source of uncertainty, and it depends on the S/N of the
region containing the particular line. Because of this,
standard errors were determined with two procedures:
(i) the uncertainty was taken directly from the spectral
synthesis (e.g., Figure 12). Assuming a best value for the
abundance of a given line, lower and upper abundance
values were set so they would enclose the entire spectral
feature; (ii) for the elements with two or more measured
abundances, the uncertainties were calculated for small
samples. For those elements with only one line, we adopt
0.1 dex as the minimum uncertainty for the abundance.
Comparing the two values, the larger was taken as the
standard error for the chemical abundances.
To obtain the systematic uncertainties in the abun-
dance estimates, we redetermined abundances by indi-
vidually varying the stellar parameters by their adopted
uncertainties. We chose a nominal value of 150K for the
uncertainty in the effective temperature, as this value is
similar to the random and systematic uncertainties in
the determination of the atmospheric parameters. The
same procedure was also applied for log g (0.5 dex) and
ξ (0.3 km/s); results are shown in Table 5. Uncertain-
ties in the effective temperature contribute the most to
the abundance uncertainties. Uncertainties in the surface
gravity are somewhat less important for the abundance
determination of most species. For elements with par-
ticularly strong lines, especially those whose abundances
are determined with spectral synthesis, the microturbu-
lence can be an important source of uncertainty.
5. ABUNDANCE PATTERNS AND MODEL COMPARISONS
Our overall aim is to compare the observed elemental
abundances of our CEMP-s stars with the yields from
AGB models. This way, constraints on the mass and
metallicity of each progenitor can be obtained, allowing
us to learn about the astrophysical sites of the first/early
AGB nucleosynthesis events and the operation of the s-
process.
In search of the progenitors of our observed neutron-
capture elements a variety of stars or classes of stars
could have been responsible. In general one first needs
to distinguish whether the observed material was already
present in the birth gas cloud or instead reflects a later-
time external enrichment event. Our CEMP-s stars be-
long to the latter class, as their strong carbon overabun-
dance in combination with neutron-capture overabun-
dances associated with the s-process (as indicated by
characteristic abundance ratios, such as Ba/Eu) are a
tell-tale sign of a mass transfer event from a AGB star
across a binary system.
The detailed study of such individual events (see be-
low) greatly helps to piece together how the chemical evo-
lution of neutron capture elements proceeded in the early
universe. With few excpetions all metal-poor stars dis-
play some amount of neutron-capture elements in their
surface which can be assumed to reflect the composi-
tion of their birth clouds. At the earliest times, these
elements could have originated from massive, short-lived
stars exploding as supernova. Presumably, some of these
supernovae yielded neutron-capture elements made in
the r-process. Next-generation stars then formed from
r-process enriched gas. Indeed, most strongly r-process
enhanced stars have a low metallicity of [Fe/H] ∼ −3.0.
In addition, massive stars that experience strong rota-
tion could have also produced neutron-capture elements,
but through the s-process elements. These stars would,
however, produce s-process with a different distribution
compared to low-mass AGB stars. Observations of “nor-
mal” metal-poor stars with [Fe/H] ∼ −3.0 have help to
disentangle these contributions from the different pro-
genitors.
Later in the evolution of the Galaxy, lower-mass,
longer-lived AGB stars began to dominate the produc-
tion of neutron-capture elements, by producing s-process
elements. Accordingly, metal-poor stars born after the
onset of AGB enrichment formed from gas that was pre-
dominently enriched by the s-process. This evolution
is somewhat reflected in the metallicities of metal-poor
stars. Simmerer et al. (2004) suggests that the s-process
may be fully active at [Fe/H]= −2.6, but this limit can
be as low as [Fe/H]= −2.8, according to Sivarani et al.
(2004) and in individual cases even lower. Furthermore,
Roederer (2009) finds both pure r-process and pure s-
process enrichment patterns extending over a wide metal-
licity range of −3.0 < [Fe/H] < −0.4.
Our target stars have [Fe/H]> −2.6 which canonically
places them at a time when the general s-process pro-
duction by AGB stars was already operating. However,
in addition to that, our stars show the external s-process
signature that allows us to reconstruct one of those s-
process events occuring in AGB stars. We note here that
models for the s-process in massive stars do not produce
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large amounts of Pb. Hence, massive stars cannot be
responsible for the abundance patterns of our CEMP-s
stars (e.g., see yields and discussion by Frischknecht et al.
2012).
We test this whole scenario by first comparing the ob-
served abundances of our CEMP stars with the scaled
Solar System r-process pattern (which is believed to be
universal, according to e.g., Sneden et al. 2008). How-
ever, the abundances do not match this pattern, ruling
out an r-process origin of the observed neutron-capture
elements. We then compared the observed abundances
with Solar System s-process predictions. The abundance
do not match the s-process patten across for all elements,
especially for the first-peak elements (Sr, Y, and Zr) as
well as Pb. In particular, the model Pb abundances are
underestimated by roughly 1.5 dex. This is not too sur-
prising because we are working with old, metal-poor stars
and the solar s-process pattern represents the integrated
yields of AGB nucleosynthesis over billions of years up
to the formation of the Sun. This natural disagreement,
which is found for all CEMP-s and CEMP-r/s stars, is
thought to occur because the s-process operates more ef-
ficiently at low metallicities. Owing to the high neutron-
to-seed ratio, this leads to the production of a lot of Pb
at early times in Galactic evolution (Gallino et al. 1998).
Thus, a comparison of the observed abundances of our
CEMP-s stars with s-process model predictions for low-
metallicity AGB stars is required.
In this section we first present the results of new AGB
models at the appropriate metallicities for our targets.
Then, a detailed comparison between the yields of the
models and the observed abundance patterns is presented
for each star.
5.1. AGB Nucleosynthesis Models
If the observed metal-poor stars have been polluted
from material from a previous AGB companion, then the
observed abundances should reveal information about
the efficiency of mixing events and chemical processing
that took place during previous evolutionary phases, the
mass-loss rate during the AGB phase, and the nature
of the binary interaction that took place to pollute the
observed star. Furthermore, non-standard mixing pro-
cesses, such as thermohaline mixing, may act on the
observed star and alter the accreted composition (e.g.,
Stancliffe & Glebbeek 2008; Stancliffe 2010). In light of
this complex history, is it possible to explain the observed
abundances using theoretical models of AGB stars?
Briefly, during the TP-AGB phase the He-burning shell
becomes thermally unstable every ≈ 105 years. The en-
ergy from the thermal pulse drives a convective pocket in
the He-rich intershell, which mixes the products of He-
nucleosynthesis within this region. The energy provided
by the pulse expands the entire star, pushing the H-shell
out to cooler regions where it is almost extinguished, and
subsequently allowing the convective envelope to move
inwards (in mass) to regions previously mixed by the
flash-driven convective pocket. This inward movement
of the convective envelope is known as the third dredge-
up (TDU), and is responsible for enriching the surface in
12C and other products of He-burning, as well as heavy
elements produced by the s-process. Following the TDU,
the star contracts and the H-shell is re-ignited, providing
most of the surface luminosity for the next interpulse pe-
riod (see Busso et al. 1999; Herwig 2005; Straniero et al.
2006, for reviews of AGB evolution and nucleosynthesis).
Details of the TDU phase are notoriously difficult to
calculate in theoretical stellar evolution models (see e.g.,
Frost & Lattanzio 1996; Mowlavi 1999). Detailed stel-
lar models suggest that the efficiency or depth of the
TDU increases at low metallicity, which indicates that
low-mass metal-poor AGB stars should be efficient pro-
ducers of carbon and s-process elements (e.g., Karakas
et al. 2002; Campbell & Lattanzio 2008; Karakas 2010a).
Note that theoretical models of stars more massive than
about 3M⊙ at metallicities of [Fe/H] . −2.3 show the
signature of hot bottom burning, when the convective
envelope is subject to proton-capture nucleosynthesis via
the CN cycle, leading to nitrogen-rich stars, where [N/C]
> +1 (Johnson et al. 2007; Pols et al. 2012). Studies
by Izzard et al. (2009), Bisterzo et al. (2012), and Lu-
garo et al. (2012) have indeed confirmed that many of
the CEMP-s stars should exhibit the signature of low-
mass AGB pollution, where the mass of the polluters is
1.2 .M/M⊙ . 2.5. Note that the latter two studies dis-
agree on the origin of other types of CEMP stars, such as
CEMP-r/s, which show enrichment by both the r- and
s-process (see Beers & Christlieb 2005, for definitions).
The derived elemental abundances for our newly-
observed CEMP-s stars were compared with new pre-
dictions from a 1.3M⊙ theoretical model with [Fe/H]
= −2.5 (with a global metallicity of Z = 5 × 10−5).
The AGB evolutionary model was calculated using the
Mount Stromlo Stellar Evolutionary code (Karakas et al.
2010, and references therein), which uses the Vassiliadis
&Wood (1993) mass-loss rate on the AGB, and a mixing-
length parameter α = 1.86. The new AGB models pre-
sented here use updated molecular opacity tables com-
pafred to those published in Karakas et al. (2010). We
now use the C- and N-rich low temperature opacity ta-
bles from Marigo & Aringer (2009).
The model was evolved from the zero age main se-
quence, through the core helium flash and core helium
burning, to the tip of the AGB. During the AGB, the
model experienced 92 thermal pulses, and evolved to a
final core mass of 0.82M⊙. Out of those 92, 85 have
experienced TDU episodes, with a total of 0.231M⊙ of
material dredged into the envelope. This large number of
thermal pulses experiencing TDU is quite exceptional for
a low-mass model, when for example the M ≈ 1.25M⊙
model of [Fe/H] = −2.3 presented in Karakas (2010b)
only has 16 thermal pulses. Figure 16 shows the evolu-
tion of the radius with time for this new AGB model.
The jump in the radius at 2.775× 109 years occurs after
the first TDU event, which causes the star to become
carbon rich, and consequently changes its internal struc-
ture. Note that the gap between thermal pulses shortens
considerably.
While the behavior of the new 1.3M⊙ model during
the AGB is unsual in that it reaches a high final core
mass and experiences many thermal pulses, it is consis-
tent and similar to other low-mass models of very low
metallicity published in the literature. For example, the
0.9 or 1.0M⊙ models of [Fe/H]≈ −2.3 (see discussions in
Karakas 2010a; Lugaro et al. 2012), end with relatively
high final core masses (Mcore > 0.7M⊙). The 0.85M⊙
model of Z = 0 published by Campbell & Lattanzio
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Fig. 16.— Evolution of the stellar radius as a function of time
during the TP-AGB for the 1.3M⊙ AGB model presented in this
section.
(2008) also experiences a rapid rate of core growth (as
discussed in detail in his PhD thesis; Campbell 2007).
The final core mass is set by the competition between
mass loss and core growth. The rate of core growth ob-
served in the new 1.3M⊙ model is rapid toward the end
of the AGB. This is because the H-shell temperature is a
function of the chemical composition and the core mass,
and as the core mass increases so does the H-shell tem-
perature and the rate of H-shell burning. A higher core
growth rate in turn leads to a shortening of the interpulse
phase, as the quicker build up of H-shell ashes leads to
conditions suitable for a TP.
That the core is allowed to reach such high values is
mostly as a result of the mass-loss rate used on the AGB.
We use the Vassiliadis &Wood (1993) mass-loss prescrip-
tion, which is a semi-empirical formula derived for stars
with metallicities of the LMC, SMC, and Galaxy. That
is, for stars with much higher Z than we are modeling
and this adds a significant uncertainty into our calcula-
tions. The Vassiliadis & Wood (1993) formula depend on
the radius, luminosity and mass so there is an implicit
metallicity dependence included. The new 1.3M⊙ model
is more compact and consequently has a higher effective
temperature (by 30%) compared to the 1.25M⊙ model
of [Fe/H]= −2.3. This is the reason for the large number
of TPs. The model star lost a total of 0.50M⊙ dur-
ing the AGB (see Figure 17), which is only marginally
smaller than the amount of mass lost by the 1.25M⊙
of [Fe/H]= −2.3, which loses about 0.58M⊙ (Karakas
2010a). Furthermore, because the effective temperature
never drops below 4,000 K that the effect of the up-
dated low-temperature molecular opacity tables is mini-
mal (e.g., Marigo 2002).
One of the most significant uncertainties affecting the
AGB lifetime of very low-metallicity AGB models is the
interplay between the mass-loss rate and the surface com-
position. While these stars have very low iron abun-
dances, the surface C abundance quickly reaches solar
values after ≈ 10 thermal pulses, owing to efficient TDU.
There is observational evidence that carbon-enrichment
leads to an increase in the mass-loss rate in cool evolved
stars. For example, the near-infrared colors of carbon
stars in the Magallanic Clouds are systematically red-
der than those of oxygen-rich stars (e.g., as seen in LMC
surveys such as DENIS and 2MASS Cioni et al. 2000;
Fig. 17.— Evolution of the stellar radius as a function of mass
(in units of M⊙) during the TP-AGB for the 1.3M⊙ AGB model
presented in this section.
Nikolaev & Weinberg 2000). At the very low metallic-
ities of the CEMP stars in the halo there are no direct
observations of the mass-loss process in action. Instead,
comparisons between CEMP stars and model predictions
may provide some clues. Furthermore, it is possible that
binary interactions terminate evolution along the AGB
after the star becomes signficantly carbon rich. This
could occur because carbon enrichment leads to an in-
crease in the opacity, and hence an increase in the radius
that causes the primary AGB star to overflow its Roche
lobe.
The s-process abundance predictions were calculated
using the post-processing nucleosynthesis code and full
network of 320 species described in Lugaro et al. (2012),
with reaction rates taken from the JINA REACLIB li-
brary (Cyburt et al. 2010). For the initial composition we
used the solar distribution of abundances from Asplund
et al. (2009), scaled down to [Fe/H] = −2.5. We use the
same assumptions about the initial abundances as out-
lined in Alves-Brito et al. (2011). We did not consider
an initial enhancement for the α-elements. The inclusion
of an initial enrichment of α-elements does not affect the
production of carbon or neutron-capture elements (e.g.
Lugaro et al. 2012), which are the elements we used to
determine a good fit between the model AGB star and
the observed metal-poor stars. We also calculate one nu-
cleosynthesis model where we scaled the iron abundance
down to [Fe/H] = −2.8, using the stellar evolutionary
sequence described above as input. This method is not
entirely self-consistent, but it provides an indication of
the s-process distribution expected at that metallicity
(where a similar method is used by Bisterzo et al. 2010).
Low-mass AGB models of very low metallicity can also
experience mild proton-ingestion episodes during the first
few TPs and this can shape the initial s-process distribu-
tion (see discussion in Lugaro et al. 2012). We also find
proton-ingestion in the 1.3M⊙, [Fe/H] = −2.5 during the
first TP but because the TDU does not begin until much
later, the effect on the final s-process distribution and
on the best fit to the CEMP star abundance distribu-
tion is minimal. Note that for the first ≈ 10TPs, the
13C pockets burn under convective conditions (Regime 3
described in Lugaro et al. 2012).
While proton ingestion episodes are found with many
evolution codes, the exact mass and metallicity range
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over which they occur is not agreed upon (compare the
models of Campbell & Lattanzio 2008; Lau et al. 2009;
Suda & Fujimoto 2010). The issue is further complicated
by the fact that both evolutionary and nucleosynthetic
predictions for these events may be inaccurate as there
are many uncertainties associated with them. The de-
velopment of hydrodynamical models for this phase of
evolution (e.g. Herwig et al. 2011; Stancliffe et al. 2011)
may eventually lead to an improvement in our under-
standing of such episodes.
In low-mass AGB stars the main neutron source is
the 13C(α, n)16O reaction, which is activated in the He-
intershell region between thermal pulses at temperatures
of T & 90×106K. Observational and theoretical evidence
has shown that the 13C(α,n)16O reaction is the main
neutron source in low-mass AGB stars of ≈ 1 − 3M⊙
(Gallino et al. 1998; Abia et al. 2002). In order to ob-
tain an enrichment of s-process elements, we artificially
introduce some protons into the top of the He-intershell
region. This has become standard practice for such mod-
els, for the simple reason that there is insufficient 13C in
the H-burning ashes of AGB stars to make it an efficient
neutron source. We apply the assumption that the pro-
ton abundance in the intershell decreases monotonically
from the envelope value of ≃ 0.7 to a minimum value
of 10−4 at a given point in mass, located at “Mmix” be-
low the base of the envelope (Goriely & Mowlavi 2000).
Protons are inserted at the deepest extent of each TDU
episode, where the methodology is exactly the same as in
e.g., Kamath et al. (2012) and Lugaro et al. (2012), which
we refer to for a detailed discussion of the uncertainties.
The mass of the proton profile is a free parameter, which
we set to a constant mass of Mmix = 2 × 10
−3M⊙. The
protons are captured by the abundant 12C in the He-
intershell to form a 13C-rich region in the top 1/10th
of the intershell. Neutrons are then released by the
13C(α,n) 16O reaction during the interpulse period under
mostly radiative conditions (Straniero et al. 1995).
5.2. Comparison with AGB Models
We compared the observed abundances of our CEMP
stars with abundance predictions from the model de-
scribed in Section 5.1 (1.3M⊙ and Z = 5×10
−5), as well
as for 67 different AGB models from Karakas (2010a)
and Lugaro et al. (2012). These models are in a range
of masses of 0.9M⊙ to 6.0M⊙ and metallicity Z = 10
−4,
including models with s- and r-process enhancements in
their initial abundance patterns prior to the AGB evolu-
tion. The data include yields for every thermal pulse of
each model.
To identify the model (and thermal pulse) which best
describes the observed abundances, a residual-like mea-
surement was made. We took the sum of the squared dif-
ferences between the abundances of each thermal pulse
of a given model and the observed values, divided by the
number of measured abundances, including all neutron-
capture elements and carbon. Figure 18 shows the be-
havior of this quantity (RES), as a function of the ther-
mal pulse number, for the model presented in this work
(labeled new) and a series of models taken from the liter-
ature. With the exception of models with M > 3.0 M⊙,
the lowest residual value is usually reached early in the
evolution of the AGB star, for both HE 2138−3336 and
HE 2258−6358.
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Fig. 18.— Residual values of the model presented in Section 5.1,
and other models from the literature, as a function of the thermal
pulse number, TP#.
Also in Figure 18 it is possible to note that, for
HE 2258−6358, the lowest residual value is related to
the new low-metallicity model described in Section 5.1.
On the other hand, for HE 2138−3336, there seems to
be a number of models with masses between 1.5M⊙ and
3.0M⊙ that yield lower residual values than the new
model. Inspection of the individual abundances for each
of these models reveals that the residuals are usually low-
ered by the good agreement for the elements between Ba
and Eu. However, as stated above, those models fail to
reproduce the abundances of the first s-process peak (Sr,
Y, and Zr) and Pb.
The interpretation of the abundances in former mass-
transfer systems is complicated by the fate of material
accreted from the primary AGB star. Mass transfer is
most likely to occur while the secondary is on the main
sequence, but the secondary can have evolved substan-
tially since then. If the star develops a deep convective
envelope, the accreted material can become significantly
diluted with pristine material from the stellar interior.
The effect of dilution on the surface abundances will then
be determined by the depth of the convective region and
the mass of material that was accreted. The former can
easily be supplied by stellar-evolution calculations, but
we are forced to make some assumptions about the latter.
The above picture applies if convection is the only
means by which accreted material can be mixed with
the stellar interior. However, accreted material has un-
dergone nuclear burning, and has a higher mean molecu-
lar weight than the pristine material of the secondary on
which it now lies. This situation is unstable to the pro-
cess of thermohaline mixing, and the accreted material
can end up being mixed throughout a large portion of the
secondary (see Stancliffe et al. 2007, for example). The
extent of mixing depends upon the amount of accreted
material and also on its composition. However, the depth
to which thermohaline mixing reaches can be determined
by a stellar-evolution code (Stancliffe & Glebbeek 2008).
We note that, to calculate the residuals, our model
abundances were not scaled to any of the observed abun-
dance of each star. This procedure (scaling abundances
to, e.g., Ba and Eu) is commonly used as an attempt
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to reproduce the relative s- and r-process contributions
of each element to the observed abundance pattern, and
cannot be used to quantitatively trace the enrichment
episodes experienced by the object. On the contrary, the
use of absolute abundances allows for an assessment of
the effects of dilution across the binary system on the
predicted abundance pattern. This can give clues to dif-
ferences arising from the interaction between the AGB
donor star and the receiving star.
We can compute the surface abundance of the sec-
ondary for a given element, X , using the equation:
X =
MaccXacc +MiXi
Mmix
, (1)
whereMacc is the mass of material accreted,Mmix is the
total mass over which material is mixed (inlcuding the
accreted layer),Mi is the mass of pristine material which
will become mixed (i.e., Mi = Mmix −Macc), and Xacc
and Xi represent the accreted and initial compositions
of the element. Mi can be determined from stellar mod-
els, and depends both on the evolutionary state of the
object and the nature of the mixing mechanisms being
considered.
Typical values for the quantities above were taken from
Lugaro et al. (2008). We assume the masses of our metal-
poor stars to be 0.8 M⊙. When such a star is on its giant
branch, its envelope reaches its maximum depth, so the
outermost 60% of the star is convective. On the other
hand, when the star is a subgiant/dwarf, this depth can
be as low as 5%. The free parameters are Macc, and the
details of the AGB evolution, nucleosynthesis and mass
transfer. Lugaro et al. (2008) find that, for their partic-
ular case, the currently observed fluorine-rich CEMP-s
star3 should have accreted between 0.05 M⊙ and 0.12 M⊙
from its AGB companion, so a value of 0.10 M⊙ was
adopted in our case. In addition, the initial abundance
pattern of the receiver star is taken to be the same as
that of the donor prior to its AGB evolution, which is
the solar distribution of abundances from Asplund et al.
(2009), scaled down to [Fe/H]=−2.5.
It should be stressed that the assumption of 0.1 M⊙ of
accreted material may not be truly representative. The
fluorine-rich star discussed in Lugaro et al. (2008) is an
unusual object whose high level of fluorine enrichment re-
quires a large mass of AGB ejecta to have been accreted
(see also Stancliffe 2009). In fact, the population synthe-
sis modeling of Izzard et al. (2009) suggests that many
systems accrete very little material. However, these mod-
els are based upon the use of a Bondi-Hoyle prescription
for wind accretion, and a better treatment of the wind
may lead to more accretion; it may be possible to ac-
crete as much as 0.4 M⊙ in exceptional circumstances
(see Abate et al. 2013, for details).
In applying the above equation, we must take care
that we correctly identify the depth of mixing. If we
include only the action of convection, then when the
star reaches the subgiant branch its convective enve-
lope is not yet deep enough, and still lies within the ac-
creted layer. No dilution of accreted material will have
taken place so far. However, if thermohaline mixing is
3 Fluorine can be obtained with infrared spectra, hence its abun-
dance could not be determined for the CEMP stars presented in
this work.
taken into account, accreted material will have mixed to
a depth of around 0.5 M⊙ from the surface (Stancliffe
& Glebbeek 2008). Thus, we distinguish two cases for
HE 2138−3336 (log g= 3.6): one with no dilution of ac-
creted material, and one where we use Mmix = 0.5 and
Mi = 0.4 in our dilution equation.
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Fig. 19.— Abundance pattern of HE 2138−3336, compared with
the Mmix = 0.5 M⊙ dilution case (top) and the non-dilution case
(bottom). The model used is the one described in Section 5.1. The
shaded area covers the model prediction ranges from the initial to
the final abundances, and the solid line shows the abundance pat-
tern for the thermal pulse having the lowest residual. The residual
is calculated by the sum of the squared differences between the
abundances of the thermal pulse and the observed values, divided
by the number of measured abundances.
Figure 19 shows the abundance pattern of
HE 2138−3336 in two cases. The top panel compares
the observed abundances with the model described in
Section 5.1, including dilution according to Equation 1;
this case corresponds to the dilution of material by the
action of thermohaline mixing. The lower panel shows
the same comparison without dilution, i.e., for the case
where only standard convection is considered. The
shaded area covers the model prediction ranges from the
initial to the final abundances, and the solid line shows
the abundance pattern for the thermal pulse having the
lowest residual. Indicated in each panel are the number
of the best-matching thermal pulse and the value of
the residual. It is worth noticing the agreement (within
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∼ 2σ) between the observed abundance pattern and the
model including dilution. In this case, the values agree
within around 0.5 dex, with the exception of Hf. For
the model without dilution, nearly all the residuals are
positive, suggesting an overproduction of all the heavy
elements.
Figure 20 shows the residuals calculated for each
thermal pulse, including dilution, compared with the
residuals for the case without dilution included. For
HE 2138−3336, the best residual is at TP#9 in the di-
lution case, whereas it is at TP#5 for the non-dilution
case. The residual is significantly lower for the case with
dilution.
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Fig. 20.— Residual values, as a function of the thermal pulse
number, for HE 2138−3336 and HE 2258−6358, with and without
dilution.
The fact that our best fit, including dilution, happens
at a relatively early pulse may point to the fact that the
mass transfer in this system took place before the donor
star was able to complete its full AGB evolution. Note
that the AGB model used here enriches itself with carbon
and s-elements between pulses 5 to 21. There are two
possible reasons for the AGB star to transition to either
a post-AGB star or directly into a white dwarf – either
the mass transfer happened earlier as a result of binary
interaction, or the mass-loss rates used in the model are
not high enough. The fact that radial velocity variation
is detected in this object may tentatively support the
former hypothesis, as this suggests this system may be a
close binary. However, we cannot rule out the possibility
that the heavy element distribution could be better fit
by a different mass of AGB donor, or if the s-process
distribution is affected by uncertainties in the 13C pocket
(see e.g. Bisterzo et al. 2010; Lugaro et al. 2012).
For the case of HE 2258-6358 (log g = 1.8), the situa-
tion is somewhat simpler, because the star has undergone
first dredge-up, which takes place between 2.3 < log g <
3.2 (e.g. Stancliffe et al. 2009). Any accreted material
must have become mixed by convection at this point,
even if it was unaffected by any other physical process
while on the main sequence. The convective envelope
reaches a depth of around 0.48 M⊙. This is compara-
ble to the depth of thermohaline mixing, so we can ex-
amine the two cases with a single calculation, namely
Mmix = 0.48M⊙, Macc = 0.1M⊙ and Mi = 0.38M⊙.
The abundance pattern of HE 2258−6358 is shown
in Figure 21. The best residual behavior occurs from
TP#17 to the final abundance, assuming a mixing depth
of Mmix = 0.48 M⊙. However, in this case the resid-
ual value is worse than in the case of non-dilution
(see Figure 20), with the non-dilution case having its
best fit at TP#6. This result is problematic because
HE 2258−6358 is a post-first dredge-up object. Any ac-
creted material would have been mixed by the deepening
of the convective envelope, if it had not previously been
mixed by some other non-convective process. Although
the dilution case yields higher residuals than the case
with no dilution included, this behavior could be due to
the possible r/s origin of HE 2258−6358, as seen in Fig-
ure 14. The observed values, especially for the elements
from the second r-process peak, are consistently above
the dilution model values. However, this does not apply
for the Pb abundance, which is mainly formed by the s-
process. This could be due to an underestimated initial
abundances of the receiver star, which may have formed
from a previously r-process enriched cloud. This previ-
ous enrichment could account for the differences between
the observed abundances and the model values.
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Fig. 21.— Abundance pattern of HE 2258−6358, compared with
the 60% depth dilution case (top) and the non-dilution case (bot-
tom). The lines and symbols are the same as Figure 19.
Jonsell et al. (2006) lists several scenarios for CEMP-
r/s production, including a binary system formed from
an r-process-rich interstellar medium along with AGB
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pollution. They argue that the probability of forming
a star from a pre-enriched r-process cloud, independent
of AGB enrichment from a companion, is negligible, and
suggest that the formation of the binary could be trig-
gered by a supernova capable of producing r-process el-
ements. In any case, in order to support this hypoth-
esis, the nature of the binary (assuming it is such) for
HE 2258−6358 must be determined by radial velocity
monitoring.
To investigate this issue further, this analysis was ex-
tended to known CEMP-s and CEMP-r/s stars from the
literature, and results are presented in Table 6. The stars
selected have at least 7 abundances determined, includ-
ing neutron-capture elements (up to 21 different species)
and carbon. For the 26 stars in the table, the residu-
als were calculated for two cases: no dilution of accreted
material, and the dilution over a mass range of 0.48 M⊙
(corresponding to the case of dilution by either the con-
vective envelope in the case of giants and by thermohaline
mixing in the case of less evolved objects). The assump-
tion of dilution does indeed present better residuals for
log g < 2.5, while the no dilution case tends to give better
fits in the case of objects with higher log g . In the cases
where no dilution gives the best fit, just over half the ob-
jects have their lowest residual at higher pulse numbers.
For the dilution cases, three quarters of them have the
their lowest residuals for pulse numbers of 10 or lower.
The reasons why low surface gravity objects can be fit
by neutron-capture abundances of AGB stars having un-
dergone few thermal pulses is not easy to explain. An
early truncation of the AGB phase due to the presence
of a companion should be rare, as few CEMP stars are
found in close binary systems (Lucatello et al. 2003). In
addition, the fate of the AGB donor should be indepen-
dent of the present-day state of CEMP star, as mass
transfer likely happened many gigayears ago. Clearly
there is still further work needed in order to understand
the nature of these systems. One note of caution should
be added. We have only tried to fit the abundances from
a single AGB star, and we have considered only one mass
width for the partially-mixed zone that gives rise to the
13C pocket in the AGB nucleosynthesis calculation. It
remains to be seen whether other choices of these pa-
rameters would result in improved fits.
Finally, by comparing the abundance patterns of
HE 2258−6358 and the CEMP-r/s stars listed in Ta-
ble 6 (green filled triangles in Figure 14), it is possible to
note that all the CEMP-r/s analyzed show the same over-
production of the second peak r-process elements when
compared with the AGB model presented in this work.
This behavior is in agreement with recent studies (Bis-
terzo et al. 2012; Lugaro et al. 2012), which suggest that
one possible scenario for the formation of the CEMP-
r/s is a binary system formed in a molecular cloud pre-
enriched with r-process elements. Moreover, 12 out of
the 13 r/s stars in Table 6 present their lowest residual
value for the non-dilution case, similar to the behavior
of HE 2258−6358.
6. CONCLUSIONS
In this paper we have analyzed two newly-discovered
CEMP stars, and compared their abundance patterns
with yields from a low-mass, metal-poor AGB model,
including the effects of dilution across a binary system.
Our targets were initially selected due to the pres-
ence of characteristic carbon-enhancement features in
low- and medium-resolution spectra (Placco et al. 2010,
2011). The high-resolution follow-up spectra reported
here allowed the determination of abundances (or up-
per limits) for 34 elements; light elements (Z < 30) are
in agreement with those of other typical halo stars, but
their neutron-capture element abundances indicate these
stars should be CEMP-s stars, enriched by the s-process.
One of our targets, HE 2138−3336, exhibits a remark-
ably high Pb abundance ratio, supporting the hypothe-
sis of relative lead overproduction in AGB stars at low
metallicities. Both stars exhibit s-process signatures in
their abundance patterns at metallicities [Fe/H]= −2.7
and −2.8, agreeing with statements that the onset of
the s-process can be as early as [Fe/H]= −2.8 (Sivarani
et al. 2004). We also confirm the CEMP-s classification
of HE 2138−3336, through its abundance pattern and
observed changes in radial velocity over the period of
one year, and argue for the possible CEMP-r/s classi-
fication of HE 2258−6358, because no s-process model
agrees well with the observed abundance pattern, likely
due to a contribution of these elements by the r-process.
We compared our derived abundances with low-
metallicity s-process models, assuming mass transfer
across a binary system. We also took into account the
effects of dilution in the binary system. The use of non-
scaled abundances (e.g. with respect to Ba and Eu),
when comparing the observations with yields from AGB
models, opens a new opportunity for determining the
characteristics of the progenitors of CEMP-s stars, al-
lowing the study of dilution effects on the surface abun-
dances of the AGB star. Extension of this analysis to
other CEMP-s and CEMP-r/s stars found in the litera-
ture shows how complex the interaction in a binary sys-
tem can be, and places constraints on the timescales and
conditions which allow the mass transfer to take place,
and generate the abundance pattern observed today.
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TABLE 1
Observationally Data for the Observed Candidates
HE 2138−3336 HE 2258−6358
α (J2000) 21:41:20.4 23:01:48.6
δ (J2000) −33:22:29.0 −63:42:24.0
V (mag) 15.0 14.5
(J−K)0 0.43 0.58
GPE ( A˚) 41.7 56.9
EGP (mag) −0.49 −0.28
Medium Resolution – Gemini/GMOS
Date 2011 07 20 2011 09 03
UT 08:25:40 07:03:49
Exptime (s) 800 960
vr(km/s) 63.9 103.6
High Resolution – Magellan/MIKE
Date 2011 11 03 2011 11 03
UT 02:55:33 00:44:53
Exptime (s) 3000 1800
vr(km/s) 56.1 102.1
S/N (4000 A˚) 40 32
S/N (4500 A˚) 58 47
S/N (5200 A˚) 60 100
Date 2012 09 09 · · ·
UT 07:13:14 · · ·
Exptime (s) 860 · · ·
vr(km/s) 29.8 · · ·
TABLE 2
Derived Stellar Parameters
Medium Resolution High Resolution
Teff (K) log g (cgs) [Fe/H] Teff (K) log g (cgs) ξ(km/s) [Fe/H]
HE 2138−3336 6036 (125) 2.62 (0.25) −2.53 (0.20) 5850 (150) 3.60 (0.50) 1.60 (0.30) −2.79 (0.01)
HE 2258−6358 4753 (125) 0.81 (0.25) −2.94 (0.20) 4900 (150) 1.60 (0.50) 2.00 (0.30) −2.67 (0.03)
TABLE 3
Equivalent Width Measurements
HE 2138−3336 HE 2258−6358
Ion λ χ log gf W log ǫ (X) W log ǫ (X)
(A˚) (eV) (mA˚) (mA˚)
C CH 4228.00 · · · · · · syn 8.1 · · · · · ·
C CH 4230.00 · · · · · · syn 8.1 · · · · · ·
C CH 4250.00 · · · · · · syn 8.1 syn 8.0
C C2 4737.00 · · · · · · · · · · · · syn 8.1
C C2 5165.00 · · · · · · · · · · · · syn 8.4
C C2 5635.00 · · · · · · · · · · · · syn 8.2
N CN 3883.00 · · · · · · syn 6.7 syn 6.6
O I 6300.30 0.00 −9.82 · · · · · · 32.4 7.9
Na I 5889.95 0.00 0.11 194.0 4.8 192.8 4.2
Na I 5895.92 0.00 −0.19 143.9 4.6 169.2 4.2
Mg I 4702.99 4.33 −0.38 49.2 5.3 · · · · · ·
Mg I 5172.68 2.71 −0.45 160.7 5.4 202.7 5.4
Mg I 5183.60 2.72 −0.24 · · · · · · 326.7 5.9
Mg I 5528.40 4.34 −0.50 47.1 5.4 · · · · · ·
Al I 3961.52 0.01 −0.34 87.7 3.2 syn 2.9
Si I 4102.94 1.90 −3.14 · · · · · · syn 5.2
Ca I 4454.78 1.90 0.26 55.3 4.1 · · · · · ·
Ca I 5588.76 2.52 0.21 17.8 3.9 59.8 4.2
Ca I 5594.47 2.52 0.10 · · · · · · 69.7 4.5
Ca I 6162.17 1.90 −0.09 35.8 4.0 89.1 4.3
Ca I 6439.07 2.52 0.47 21.8 3.8 · · · · · ·
Sc II 4246.82 0.32 0.24 syn 0.2 · · · · · ·
Sc II 5641.00 1.50 −1.13 · · · · · · 10.9 0.8
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TABLE 3 — Continued
HE 2138−3336 HE 2258−6358
Ion λ χ log gf W log ǫ (X) W log ǫ (X)
(A˚) (eV) (mA˚) (mA˚)
Sc II 5657.91 1.51 −0.60 · · · · · · 26.3 0.8
Ti I 5210.39 0.05 −0.83 · · · · · · 61.5 3.0
Ti II 3759.29 0.61 0.28 98.5 2.3 · · · · · ·
Ti II 3913.46 1.12 −0.42 55.7 2.4 · · · · · ·
Ti II 4443.80 1.08 −0.72 43.7 2.3 · · · · · ·
Ti II 4468.52 1.13 −0.60 53.5 2.5 · · · · · ·
Ti II 4501.27 1.12 −0.77 36.8 2.3 · · · · · ·
Ti II 4533.96 1.24 −0.53 52.0 2.5 · · · · · ·
Ti II 4563.77 1.22 −0.96 37.1 2.6 · · · · · ·
Ti II 4571.97 1.57 −0.32 46.1 2.5 · · · · · ·
Ti II 5185.90 1.89 −1.49 · · · · · · 38.7 2.7
Ti II 5226.54 1.57 −1.26 · · · · · · 87.6 3.0
Ti II 5381.02 1.57 −1.92 · · · · · · 43.1 2.9
Cr I 4254.33 0.00 −0.11 67.2 2.8 · · · · · ·
Cr I 5206.04 0.94 0.02 23.8 2.6 95.3 3.0
Cr I 5208.42 0.94 0.16 40.2 2.8 · · · · · ·
Cr I 5345.80 1.00 −0.95 · · · · · · 53.0 3.3
Mn I 4030.75 0.00 −0.48 72.6 2.8 · · · · · ·
Mn I 4033.06 0.00 −0.62 49.8 2.4 · · · · · ·
Fe I 3565.38 0.96 −0.13 104.4 4.7 · · · · · ·
Fe I 3608.86 1.01 −0.09 104.3 4.7 · · · · · ·
Fe I 3727.62 0.96 −0.61 90.3 4.7 · · · · · ·
Fe I 3743.36 0.99 −0.79 85.6 4.7 · · · · · ·
Fe I 3753.61 2.18 −0.89 32.8 4.8 · · · · · ·
Fe I 3767.19 1.01 −0.39 103.1 4.8 · · · · · ·
Fe I 3786.68 1.01 −2.19 20.9 4.6 · · · · · ·
Fe I 3805.34 3.30 0.31 40.9 4.8 · · · · · ·
Fe I 3827.82 1.56 0.09 99.3 4.7 · · · · · ·
Fe I 3856.37 0.05 −1.28 103.2 4.7 · · · · · ·
Fe I 3902.95 1.56 −0.44 78.9 4.7 · · · · · ·
Fe I 3917.18 0.99 −2.15 31.5 4.8 · · · · · ·
Fe I 3940.88 0.96 −2.60 19.1 4.9 · · · · · ·
Fe I 4005.24 1.56 −0.58 75.2 4.7 · · · · · ·
Fe I 4014.53 3.05 −0.59 15.7 4.8 · · · · · ·
Fe I 4045.81 1.49 0.28 116.0 4.7 · · · · · ·
Fe I 4063.59 1.56 0.06 103.7 4.7 · · · · · ·
Fe I 4071.74 1.61 −0.01 94.0 4.7 · · · · · ·
Fe I 4132.06 1.61 −0.68 64.2 4.6 · · · · · ·
Fe I 4143.41 3.05 −0.20 33.0 4.9 · · · · · ·
Fe I 4143.87 1.56 −0.51 72.4 4.6 · · · · · ·
Fe I 4191.43 2.47 −0.67 33.5 4.8 · · · · · ·
Fe I 4202.03 1.49 −0.69 69.4 4.6 · · · · · ·
Fe I 4227.43 3.33 0.27 34.4 4.7 · · · · · ·
Fe I 4250.79 1.56 −0.71 69.3 4.7 · · · · · ·
Fe I 4260.47 2.40 0.08 71.2 4.7 · · · · · ·
Fe I 4404.75 1.56 −0.15 96.5 4.7 · · · · · ·
Fe I 4461.65 0.09 −3.19 28.1 4.8 · · · · · ·
Fe I 4466.55 2.83 −0.60 28.2 4.9 · · · · · ·
Fe I 4494.56 2.20 −1.14 24.4 4.8 · · · · · ·
Fe I 4528.61 2.18 −0.82 34.9 4.7 · · · · · ·
Fe I 4871.32 2.87 −0.36 26.8 4.7 · · · · · ·
Fe I 4872.14 2.88 −0.57 20.3 4.7 · · · · · ·
Fe I 4890.76 2.88 −0.39 32.1 4.8 · · · · · ·
Fe I 4891.49 2.85 −0.11 47.8 4.8 · · · · · ·
Fe I 4918.99 2.85 −0.34 24.4 4.6 · · · · · ·
Fe I 4920.50 2.83 0.07 42.7 4.5 · · · · · ·
Fe I 5166.28 0.00 −4.12 · · · · · · 61.3 4.9
Fe I 5171.60 1.49 −1.72 34.4 4.8 92.6 4.8
Fe I 5192.34 3.00 −0.42 19.5 4.7 · · · · · ·
Fe I 5194.94 1.56 −2.02 · · · · · · 75.4 4.9
Fe I 5198.71 2.22 −2.09 · · · · · · 23.0 4.8
Fe I 5202.34 2.18 −1.87 · · · · · · 52.4 5.0
Fe I 5216.27 1.61 −2.08 · · · · · · 66.6 4.8
Fe I 5217.39 3.21 −1.16 · · · · · · 31.0 5.1
Fe I 5232.94 2.94 −0.06 44.3 4.8 72.9 4.5
Fe I 5254.96 0.11 −4.76 · · · · · · 21.4 4.9
Fe I 5266.56 3.00 −0.39 21.2 4.7 66.0 4.7
Fe I 5269.54 0.86 −1.33 81.7 4.8 153.5 4.9
Fe I 5281.79 3.04 −0.83 · · · · · · 38.6 4.8
Fe I 5283.62 3.24 −0.52 · · · · · · 50.3 4.9
Fe I 5324.18 3.21 −0.10 30.4 4.8 72.2 4.8
Fe I 5328.04 0.92 −1.47 64.6 4.6 128.8 4.7
Fe I 5328.53 1.56 −1.85 16.2 4.6 84.7 4.8
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TABLE 3 — Continued
HE 2138−3336 HE 2258−6358
Ion λ χ log gf W log ǫ (X) W log ǫ (X)
(A˚) (eV) (mA˚) (mA˚)
Fe I 5371.49 0.96 −1.64 61.8 4.8 142.9 5.2
Fe I 5397.13 0.92 −1.98 45.3 4.7 116.0 4.9
Fe I 5405.77 0.99 −1.85 47.4 4.7 100.4 4.5
Fe I 5415.20 4.39 0.64 · · · · · · 43.0 4.9
Fe I 5429.70 0.96 −1.88 48.2 4.7 106.9 4.6
Fe I 5434.52 1.01 −2.13 28.1 4.6 · · · · · ·
Fe I 5446.92 0.99 −1.91 45.3 4.7 · · · · · ·
Fe I 5586.76 3.37 −0.14 21.7 4.8 57.9 4.8
Fe I 5615.64 3.33 0.05 21.2 4.5 · · · · · ·
Fe I 5658.82 3.40 −0.79 · · · · · · 19.7 4.7
Fe I 6065.48 2.61 −1.41 · · · · · · 30.0 4.6
Fe I 6136.61 2.45 −1.41 · · · · · · 51.3 4.8
Fe I 6137.69 2.59 −1.35 · · · · · · 44.7 4.8
Fe I 6219.28 2.20 −2.45 · · · · · · 24.8 5.1
Fe I 6230.72 2.56 −1.28 · · · · · · 43.8 4.7
Fe I 6252.56 2.40 −1.69 · · · · · · 29.8 4.7
Fe I 6393.60 2.43 −1.58 · · · · · · 57.2 5.0
Fe I 6400.00 3.60 −0.29 · · · · · · 49.0 5.0
Fe I 6421.35 2.28 −2.01 · · · · · · 28.8 4.8
Fe I 6430.85 2.18 −1.95 · · · · · · 43.4 4.9
Fe I 6494.98 2.40 −1.24 · · · · · · 60.3 4.7
Fe I 6677.99 2.69 −1.42 · · · · · · 52.0 5.1
Fe II 4233.17 2.58 −1.97 35.8 4.8 · · · · · ·
Fe II 4522.63 2.84 −2.25 18.8 5.0 · · · · · ·
Fe II 4583.84 2.81 −1.93 18.2 4.6 · · · · · ·
Fe II 4923.93 2.89 −1.32 38.7 4.5 · · · · · ·
Fe II 5018.45 2.89 −1.22 50.6 4.7 · · · · · ·
Fe II 5234.63 3.22 −2.18 · · · · · · 37.2 4.8
Fe II 5276.00 3.20 −2.01 · · · · · · 49.3 4.9
Co I 3845.47 0.92 0.01 60.0 3.0 · · · · · ·
Co I 4121.32 0.92 −0.32 24.5 2.6 · · · · · ·
Ni I 3807.14 0.42 −1.22 47.7 3.3 · · · · · ·
Ni I 3858.30 0.42 −0.95 65.0 3.5 · · · · · ·
Zn I 4722.15 4.03 −0.39 6.5a 2.5 · · · · · ·
Zn I 4810.53 4.08 −0.14 4.4a 2.1 13.3a 1.9
Sr II 4077.00 0.00 −1.26 syn 0.4 · · · · · ·
Sr II 4215.00 0.00 −1.32 syn 0.3 · · · · · ·
Sr II 4607.33 0.00 −0.57 · · · · · · syn 1.0
Y II 3774.33 0.13 0.21 syn −0.1 · · · · · ·
Y II 4854.87 0.99 −0.38 · · · · · · syn 0.2
Y II 5200.41 0.99 −0.57 · · · · · · syn 0.2
Y II 5205.73 1.03 −0.34 · · · · · · syn 0.3
Zr II 4050.33 0.71 −1.00 · · · · · · syn 0.6
Zr II 4208.99 0.71 −0.46 syn 0.6 · · · · · ·
Ba II 4554.03 0.00 0.14 syn 1.3 · · · · · ·
Ba II 4934.10 0.00 −0.16 syn 1.4 · · · · · ·
Ba II 5853.68 0.60 −2.56 syn 1.3 syn 1.6
Ba II 6141.71 0.70 −0.08 syn 1.2 syn 1.7
Ba II 6496.91 0.60 −0.38 syn 1.3 syn 1.9
La II 3995.74 0.17 −0.06 syn 0.0 · · · · · ·
La II 4086.71 0.00 −0.07 syn 0.0 · · · · · ·
La II 4123.22 0.32 0.13 syn 0.0 · · · · · ·
La II 4526.12 0.77 −0.59 · · · · · · syn 0.3
La II 4921.79 0.24 −0.45 · · · · · · syn 0.3
La II 5290.84 0.00 −1.65 · · · · · · syn 0.3
La II 5303.53 0.32 −1.35 · · · · · · syn 0.4
La II 5797.57 0.24 −1.36 · · · · · · syn 0.4
Ce II 4053.50 0.00 −0.71 syn 0.7 · · · · · ·
Ce II 4083.22 0.70 0.27 syn 0.5 · · · · · ·
Ce II 4127.36 0.68 0.31 · · · · · · syn 0.5
Ce II 4222.64 0.79 −1.31 · · · · · · syn 0.5
Ce II 4562.36 0.48 0.23 syn 0.6 syn 0.7
Pr II 3964.82 0.06 0.12 · · · · · · syn −0.3
Pr II 3965.26 0.20 0.14 · · · · · · syn −0.1
Pr II 5220.01 0.79 0.30 · · · · · · syn 0.0
Pr II 5292.61 0.65 −0.26 · · · · · · syn 0.0
Nd II 4004.00 0.06 −0.57 · · · · · · syn 0.5
Nd II 4011.06 0.47 −0.76 · · · · · · syn 0.5
Nd II 4012.70 0.00 −0.60 · · · · · · syn 0.5
Nd II 4013.22 0.18 −1.10 · · · · · · syn 0.5
Nd II 4021.33 0.32 −0.10 syn 0.2 syn 0.3
Nd II 4043.59 0.32 −0.71 · · · · · · syn 0.5
Nd II 4061.08 0.47 0.55 syn 0.2 syn 0.6
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TABLE 3 — Continued
HE 2138−3336 HE 2258−6358
Ion λ χ log gf W log ǫ (X) W log ǫ (X)
(A˚) (eV) (mA˚) (mA˚)
Nd II 4069.26 0.06 −0.57 · · · · · · syn 0.6
Nd II 5249.58 0.97 0.20 · · · · · · syn 0.6
Sm II 4318.93 0.28 −0.25 syn −0.3 · · · · · ·
Sm II 4434.32 0.38 −0.07 · · · · · · syn 0.0
Sm II 4467.34 0.66 0.15 syn −0.3 · · · · · ·
Sm II 4499.48 0.25 −0.87 · · · · · · syn 0.2
Eu II 3724.93 0.00 −0.09 · · · · · · syn −0.4
Eu II 3907.11 0.21 0.17 · · · · · · syn −0.6
Eu II 4129.72 0.00 0.22 8.6a −1.1 · · · · · ·
Eu II 4205.04 0.00 0.21 6.5a −1.3 · · · · · ·
Eu II 6645.06 1.38 0.12 · · · · · · syn −0.4
Gd II 3481.80 0.49 0.11 · · · · · · syn 0.1
Gd II 4251.73 0.38 −0.22 · · · · · · syn 0.2
Tb II 3702.85 0.13 0.44 · · · · · · syn −0.7
Dy II 3445.57 0.00 −0.15 · · · · · · syn 0.2
Dy II 3531.71 0.00 0.77 · · · · · · syn 0.2
Dy II 4103.31 0.10 −0.38 · · · · · · syn 0.0
Er II 3729.52 0.00 −0.59 · · · · · · syn 0.0
Er II 3938.63 0.00 −0.52 · · · · · · syn 0.0
Tm II 3700.26 0.03 −0.38 · · · · · · syn −0.9
Tm II 3701.36 0.00 −0.54 · · · · · · syn −0.8
Yb II 3694.37 0.00 −0.30 syn −1.0 · · · · · ·
Hf II 3918.08 0.45 −1.01 syn 0.2 syn 0.1
Hf II 4093.15 0.45 −1.15 · · · · · · syn 0.3
Os I 4260.80 0.00 −1.44 · · · · · · syn 0.1
Pb I 3683.46 0.97 −0.46 syn 2.5 syn 1.9
Pb I 4057.81 1.32 −0.17 syn 2.5 syn 1.9
a
Upper limits.
TABLE 4
Abundances
HE 2138−3336 HE 2258−6358
Element Ion log ǫ (X)⊙ log ǫ (X) [X/H] [X/Fe] σ Nlines log ǫ (X) [X/H] [X/Fe] σ Nlines
C · · · 8.43 8.08 −0.36 2.43 0.05 4 8.18 −0.25 2.42 0.09 4
N · · · 7.83 6.70 −1.13 1.66 0.20 1 6.60 −1.23 1.44 0.25 1
O 1 8.69 · · · · · · · · · · · · · · · 7.87 −0.82 1.85 0.10 1
Na 1 6.24 4.67 −1.57 1.22 0.10 2 4.22 −2.02 0.65 0.10 2
Mg 1 7.60 5.38 −2.22 0.57 0.12 3 5.65 −1.95 0.72 0.30 2
Al 1 6.45 3.21 −3.24 −0.45 0.10 1 2.90 −3.55 −0.88 0.10 1
Si 1 7.51 · · · · · · · · · · · · · · · 5.20 −2.31 0.38 0.10 1
Ca 1 6.34 3.94 −2.40 0.39 0.09 4 4.32 −2.02 0.65 0.09 3
Sc 2 3.15 1.23 −1.92 0.87 0.10 1 0.79 −2.36 0.31 0.05 2
Ti 1 4.95 · · · · · · · · · · · · · · · 2.79 −2.16 0.51 0.10 1
Ti 2 4.95 2.40 −2.55 0.24 0.04 8 2.84 −2.11 0.56 0.08 3
Cr 1 5.64 2.76 −2.88 −0.09 0.07 3 3.14 −2.50 0.17 0.16 2
Mn 1 5.43 2.56 −2.87 −0.08 0.24 2 · · · · · · · · · · · · · · ·
Fe 1 7.50 4.71 −2.79 0.00 0.01 53 4.83 −2.67 0.00 0.03 35
Fe 2 7.50 4.71 −2.79 0.00 0.13 5 4.85 −2.65 0.02 0.03 2
Co 1 4.99 2.81 −2.18 0.61 0.29 2 · · · · · · · · · · · · · · ·
Ni 1 6.22 3.40 −2.82 −0.03 0.08 2 · · · · · · · · · · · · · · ·
Zn 1 4.56 2.30 −2.26 <0.53 · · · 2 1.94 −2.62 <0.05 · · · 1
Sr 2 2.87 0.35 −2.52 0.27 0.15 2 1.00 −1.87 0.80 0.15 1
Y 2 2.21 −0.10 −2.31 0.48 0.15 1 0.24 −1.97 0.70 0.10 3
Zr 2 2.58 0.60 −1.98 0.81 0.20 1 0.60 −1.98 0.69 0.15 1
Ba 2 2.18 1.30 −0.88 1.91 0.07 5 1.74 −0.44 2.23 0.11 3
La 2 1.10 0.00 −1.10 1.60 0.10 3 0.34 −0.76 1.91 0.09 5
Ce 2 1.58 0.60 −0.98 1.81 0.12 3 0.57 −1.01 1.66 0.10 3
Pr 2 0.72 · · · · · · · · · · · · · · · −0.10 −0.82 1.85 0.10 4
Nd 2 1.42 0.20 −1.22 1.57 0.15 2 0.51 −0.91 1.76 0.04 9
Sm 2 0.96 −0.30 −1.26 1.53 0.10 2 0.10 −0.86 1.81 0.13 2
Eu 2 0.52 −1.18 −1.70 <1.09 · · · 2 −0.47 −0.99 1.68 0.07 3
Gd 2 1.07 · · · · · · · · · · · · · · · 0.15 −0.92 1.75 0.09 2
Tb 2 0.30 · · · · · · · · · · · · · · · −0.70 −1.00 1.67 0.15 1
Dy 2 1.10 · · · · · · · · · · · · · · · 0.03 −1.07 1.60 0.10 4
Er 2 0.92 · · · · · · · · · · · · · · · 0.00 −0.92 1.75 0.15 2
Tm 2 0.10 · · · · · · · · · · · · · · · −0.88 −0.98 1.69 0.15 2
Yb 2 0.84 −1.00 −1.84 0.95 0.25 1 · · · · · · · · · · · · · · ·
22 Placco et al.
TABLE 4 — Continued
HE 2138−3336 HE 2258−6358
Element Ion log ǫ (X)⊙ log ǫ (X) [X/H] [X/Fe] σ Nlines log ǫ (X) [X/H] [X/Fe] σ Nlines
Hf 2 0.85 0.20 −0.65 2.14 0.20 1 0.20 −0.65 2.02 0.15 2
Os 1 1.40 · · · · · · · · · · · · · · · 0.10 −1.30 1.37 0.20 1
Pb 1 1.75 2.50 0.75 3.54a 0.15 2 1.90 0.15 2.82b 0.15 2
a
3.84 including NLTE correction
b
3.32 including NLTE correction
TABLE 5
Example Systematic Abundance Uncertainties for HE 2138−3336
Elem ∆Teff ∆log g ∆ξ
+150K +0.5 dex +0.3 km/s
Na I 0.19 0.24 0.07
Mg I 0.11 0.10 0.03
Al I 0.15 0.09 0.09
Ca I 0.09 0.02 0.02
Sc II 0.11 −0.13 0.18
Ti II 0.07 −0.16 0.07
Cr I 0.15 0.02 0.05
Mn I 0.18 0.03 0.10
Fe I 0.15 0.04 0.07
Fe II 0.02 −0.18 0.03
Co I 0.15 0.00 0.05
Ni I 0.17 0.01 0.09
Sr II 0.14 −0.04 0.22
Ba II 0.16 0.03 0.14
TABLE 6
Data for Literature Stars
Star Type [Fe/H] Teff log g N
a Mi (M⊙)=0.00
b Mi (M⊙)=0.38
b Ref.c
(dex) (K) (cgs) TP# RES TP# RES
CS 22183-015 s -3.00 5200 2.50 11 5 0.39 6 0.09 1
CS 22898-027 r/s -2.25 6250 3.70 12 15 0.25 21 0.57 2
CS 22942-019 s -2.64 5000 2.40 11 8 0.54 15 0.31 2
CS 22947-187 s -2.47 5160 1.30 10 5 0.57 5 0.16 3
CS 22948-027 r/s -2.47 4800 1.80 11 10 0.15 21 0.21 4
CS 22964-161 s -2.39 6050 3.70 11 5 0.32 8 0.06 5
CS 29497-030 r/s -2.57 7000 4.10 19 15 0.37 21 0.70 6
CS 29497-034 r/s -2.90 4800 1.80 11 5 0.09 13 0.07 5
CS 29526-110 r/s -2.38 6500 3.20 9 10 0.11 21 0.22 2
CS 30301-015 s -2.64 4750 0.80 11 5 0.75 5 0.12 2
CS 31062-012 r/s -2.55 6250 4.50 9 5 0.16 13 0.26 2
CS 31062-050 r/s -2.31 5500 2.70 21 14 0.20 21 0.47 7
HD 196944 s -2.25 5250 1.80 13 5 0.27 9 0.08 2
HE 0058-0244 r/s -2.75 5730 3.50 9 5 0.18 9 0.20 8
HE 0131-3953 r/s -2.50 6322 3.85 7 5 0.07 14 0.16 9
HE 0143-0441 s -2.31 6240 3.70 10 9 0.12 21 0.21 8
HE 0202-2204 s -1.98 5621 3.47 10 5 0.09 14 0.12 9
HE 0338-3945 r/s -2.43 6160 4.13 21 21 0.46 21 0.90 10
HE 1031-0020 s -2.86 5080 2.20 9 5 0.61 5 0.07 8
HE 1105+0027 r/s -2.42 6121 3.75 7 8 0.25 21 0.39 9
HE 1135+0139 s -2.31 5736 3.55 9 5 0.28 8 0.07 9
HE 1509-0806 s -2.91 5185 2.50 9 5 0.22 9 0.08 8
HE 2148-1247 r/s -2.37 6380 3.90 14 14 0.30 21 0.60 11
HE 2158-0348 s -2.70 5215 2.50 11 5 0.24 11 0.21 8
HKII 17435-00532 s -2.23 5200 2.15 11 5 0.28 8 0.12 12
LP 625-44 r/s -2.71 5500 2.80 17 11 0.23 21 0.34 2
a
Number of observed abundances.
b
Macc (M⊙)=0.10.
c
1. Johnson & Bolte (2002), 2. Aoki et al. (2002), 3. McWilliam et al. (1995), 4. Barbuy et al. (2005), 5. Thompson et al. (2008), 6. Ivans
et al. (2005), 7. Johnson & Bolte (2004), 8. Cohen et al. (2006), 9. Barklem et al. (2005), 10. Jonsell et al. (2006), 11. Cohen et al. (2003), 12.
Roederer et al. (2008).
